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Abstract

A large fraction of the stars in our Galaxy are grouped in stellar clusters. Young stellar
clusters, in particular, host the most massive stars in the Galaxy and, due to their
strong winds, are considered as possible particle accelerators, contributing to the cosmic
ray ux.

The identi cation of Galactic stellar clusters was revolutionized by the latest data
releases of the Gaia mission (DR2 and DR3). However, estimating the mass and
wind properties of clusters remains a challenging task due to the incompleteness of
observational data.

The aim of this thesis is to simulate young (< 30 Myr) open clusters observed by Gaia
by using the binary population synthesis code COMPAS to evaluate cluster properties
such as mass, stellar wind or supernova and Wolf-Rayet star counts. To test how well
population synthesis can reproduce actual clusters, the quantities of simulated clusters
are compared to observational catalogues.

It was found that, depending on the range of the initial mass function, the mass of
simulated clusters could be estimated within a  20% accuracy to the literature values.
Simulated cluster masses correlate the most with the literature catalogues that were used
to normalize the corresponding simulation (Pearson r  0:95 0:99), while comparisons
with other catalogues have systematic o sets. Wind properties track, in general, the
trends in cluster mass, while simulated supernova and Wolf-Rayet star counts exceed
catalogue values by several orders of magnitude across all simulated populations.
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1 Introduction & Motivation

The observation of stellar clusters goes back to Galileo Galilei. In his Siderius Nuncius
(Sidereal Messenger, 1610) he describes the Galaxy as \nothing else than a congeries
of innumerable stars distributed in clusters” [1]. Today, several centuries later, many
aspects of stellar clusters still remain unknown, making them the subject of modern
research. Stellar clusters can have various forms, sizes and ages, the oldest of them
setting a lower limit of the age of the Universe [2]. Young clusters are ideal for studying
the formation of stars and their e ect on the interstellar medium [3]. Apart from that,

the high-energy astroparticle physics community is interested in the most massive young
clusters, since they are considered to be possible particle accelerators [4]. In particular,
the Large High Altitude Air Shower Observatory (LHAASO) has detected the highest
energy that was ever observed in -ray astronomy ( 1PeV = 10%%eV) in the Cygnus
Cocoon, a Galactic stellar cluster [5]. A major challenge in astroparticle physics is to
identify the origin and physical nature of such ultrahigh-energy sources. Since supernova
remnants cannot account for energies in that regime, alternative sources such as pulsar
wind nebulae [6] and young stellar clusters [7][4] have been proposed as possible sources.
The energy budget available for particle acceleration in a cluster is set by its total mass
and power of stellar winds [7], therefore, it is crucial to accurately characterize the
physical parameters of young stellar clusters.

The most accurate survey of the Milky Way to this day was performed by the Gaia
satellite [8] of the European Space Agency (ESA). The astrometric and photometric
data of about two billion sources reported by Gaia improved the understanding of the
structure and evolution of the Galaxy. The observational data serves as source for the
identi cation of known as well as newly formed clusters and their evolution [9]. Stellar
cluster catalogues based on Gaia observations are, among others, presented by Cantat-
Gaudin et al. [10] and Hunt & Re ert [11]. The latter covers 7167 stellar clusters and
represents the largest search of open clusters to date. Despite advances in observational
accuracy, the identi cation of stellar clusters remains a di cult task. Observational
challenges such as the detection of faint stars, unresolved binaries or the blending of
close sources create selection e ects that reduce the completeness and reliability of the
data [11]. As a result, estimates of the total mass and number of member stars carry
large uncertainties. Methods that infer cluster parameters from observational data
must therefore rely on theoretical models to account for this incompleteness. Numerical
simulations of stellar clusters o er a way to test the consistency of these methods: since
simulated clusters are not subject to the same limitations as observations, it is possible
to estimate cluster parameters while accounting for components that are otherwise not
observed.

The aim of this study is to simulate young open stellar clusters based on Gaia obser-
vations in order to estimate their physical parameters, such as total mass and wind
mass-loss rate, and compare them to the literature. For this purpose, the binary popu-
lation synthesis code COMPAS (Compact Object Mergers: Population Astrophysics
and Statistics) [12] is used. Binary and stellar population synthesis codes (BPS and
SPS) have been developed to study the structure and evolution of stars. SPS codes use
basic stellar equations (mass continuity, hydrostatic equilibrium, energy conservation
and energy transport) to calculate the structure and evolution of stars [13]. This way, a
lot of observed phenomena can be reproduced and studied in detail. SPS codes require



three main inputs: (1) a stellar evolution theory speci ed by isochrones, (2) stellar
spectral libraries, and (3) an Initial Mass Function (IMF) that sets the number of stars

at each mass [14]. BPS codes additionally include the evolution of binary systems,
which can lead to the formation of exotic phenomena such as Double Compact Objects
(DCOs) or mergers [15][12]. Unlike SPS, BPS codes can evolve a large number of stars
simultaneously, which makes it possible to predict the behaviour of stellar clusters or
even entire galaxies.

The BPS code COMPAS is based on the same principles as other BPS codes such
as StarTrack [16], COSMIC [17], and BSE [18], however, it was speci cally designed
to evolve very large populations of binaries in an e cient way. For example, a few
hundred binaries can be evolved in seconds on a modern laptop and million binaries in
a few CPU hours [12]. This makes COMPAS suitable for simulations of populations on
the cluster-scale. All simulations in this study were performed with COMPAS version
03.29.00, available at https://github.com/TeamCOMPAS/COMPAS/.

This work is structured as follows. Section 2 describes theoretical aspects of stellar and
binary evolution and the physics of stellar clusters. Section 3 then introduces the BPS
code COMPAS and how it can be used to simulate populations consistent with stellar
clusters. Section 4 presents the simulation of young Galactic open clusters based on
Gaia's observational data, discusses various aspects of the simulation using selected
example clusters and compares simulated cluster parameters to the literature. Finally,
Section 5 concludes the work and gives an outlook on further research opportunities.



2 Stellar Evolution & Stellar Cluster Physics

In order to understand the evolution of stellar clusters and their properties, one should
rst understand the way single stars evolve.

2.1 Fundamental Properties of Stars

Stars are gaseous spheres composed primarily of hydrogen and helium [19For a

body to be classi ed as a star it must satisfy two conditions: (a) it has to be bound
by self-gravity, and (b) its radiated energy must be supplied by an internal source.
The main source of stellar radiation is nuclear fusion, which gradually alters the star's
structure and composition over time. The total amount of energy radiated by a star
per unit time is given by its luminosity

L=4R % sT{ ; (2.1)

where R» is the stellar radius and sg the Stefan-Boltzmann constant. The temperature
of a star is characterized by the e ective temperature T, , de ned as the temperature
that a blackbody would need to have in order to emit the same power per unit area as
the star. From this, the stellar ux F can be de ned as

F= SBTé . (22)

Stellar masses typically range from @008 M to 150M , whereM is the mass of the
Sun. Objects below the limit of 0:08 M [20] cannot sustain hydrogen fusion e ciently,
but will fuse deuterium as an internal energy source. Such objects, also known as brown
dwarfs, mostly shine by re ecting light rather than by radiating it themselves. Stars
exceeding the upper mass limit of 150 M [21], on the other hand, would become too
unstable due to their strong driven stellar winds.

Another de ning stellar parameter is the chemical composition, described by the mass
fractions X;Y and Z of hydrogen, helium and all heavier elements, respectivelyZ is
often called metallicity with X +Y +Z =1 [19].

Based on their temperature, stars are classi ed into spectral types following the Harvard
classi cation scheme \OBAFGKM" [22], ordered from hottest to coolest. The brightness
of stars can be expressed through its apparent magnituden, or alternatively, the absolute
magnitude M , which is de ned as the magnitude measured at a distance of 1parsec
The di erence between them, known as the distance modulus, is given as

m M =5log 40(d) 5; (2.3)

where d is the star's distance measured in parsec.

The interior structure of stars is governed by a set of di erential equations that describe
mass continuity, hydrostatic equilibrium, energy production, and energy transport [23].
Together, these equations form an underdetermined system that can be coupled through
the equation of state, which relates density, temperature, and pressure.

1The following chapters on the properties and evolution of stars are mainly based on the textbooks
of Prialnik [19] and Carroll & Ostlie [20], if not otherwise indicated.



The primary source of stellar energy is nuclear fusion. In this process hydrogen is
converted into helium, which can occur through di erent reaction chains, namely the
proton-proton (pp) chain and CNO cycle. The pp-chain rst fuses two protons into
deuterium, which then builds up to 3He and “He. The CNO cycle involves carbon,
nitrogen and oxygen nuclei to convert hydrogen into helium. The energy generation rate
of the pp-chain scales ag T 4, while the CNO cycle scales ag T ®°nearT =1:5 10'K
[20]. Due to this much steeper temperature dependence, the CNO cycle dominates
in more massive stars with hotter cores, while thepp-chain is dominant in the cooler
cores of low-mass stars. Stars with masses 0:5M have cores that become hot and
dense enough for helium burning to ignite via the triple-alpha reaction once all of the
hydrogen in the core has been used up. This process convefisle into 2C and has
an even steeper temperature dependencé T 4° [20]). Since more massive stars have
higher central pressures, they burn hydrogen more rapidly than low-mass stars. As a
result, the age of a star - is inversely proportional to its mass M-, meaning that more
massive stars have shorter lifetimes.

2.2 Evolution of Stars in a Nutshell

The theory of stellar evolution presented here is based on several fundamental assump-
tions [19]. First, stars are treated as isolated objects in space, such that their evolution
depends only on their own initial conditions and is una ected by other objects. Second,
the initial composition of a star is assumed to be homogeneous and overall similar across
all stars. Under these assumptions, the parameter that governs a star's evolution is its
mass.

2.2.1 Pre-Main Sequence & Zero-Age Main Sequence

The formation of stars happens from the gravitational collapse of interstellar gas clouds.
As the material collapses, the pressure rises and causes the temperature and density
to increase as well. Once the pressure becomes high enough to slow the collapse to
a quasi-static one, hydrostatic equilibrium is established for the rst time, marking

the formation of pre-main-sequence stars. Once the core temperature is su cient to
ignite nuclear reactions, hydrogen burning begins and the star reaches the Zero-Age
Main Sequence (ZAMS). The ZAMS phase is a convenient starting point for stellar
evolution models, since convective mixing during the pre-main-sequence phase erases
any dependence on the star's formation history. Consequently, ZAMS stars can be
treated as chemically homogeneous, independent of their initial conditions [24].

2.2.2 Main Sequence & Post-Main Sequence

Stars spend most of their lifetimes on the Main Sequence (MS) converting hydrogen
to helium in their cores and reach the end of the MS phase once the central hydrogen
is exhausted. The further evolution of the star depends on its mass. Low-mass
(0:5.M . 23M [20]) and intermediate-mass (23. M . 8M [20]) stars evolve
into White Dwarfs (WDs), while massive stars (> 8M ) undergo a core-collapse
supernova, leaving behind a Neutron Star (NS) or Black Hole (BH). Stars of very low



mass € 0:5M ) evolve so slowly that they show no signi cant evolution over the age
of the Universe.

The evolution of a star can be visualized using a Hertzsprung-Russell (HR) diagram,
which plots e ective temperature T against luminosity L,. A schematic example is
shown in Fig. 2.1, tracing the evolutionary tracks of stars with masses M ;5M and
25M . The evolution of a 1M star can be described as follows: The star spends about
2/3 of its life on the MS (1-2). The exhaustion of central hydrogen is marked as turn-o
point (2), after which the core begins to contract, while hydrogen continues to burn
in a surrounding shell (2-3). During this phase, the luminosity increases, the e ective
temperature decreases, and the envelope expands. The decreasing temperature causes
the formation of a convection zone near the surface, marking the \ rst dredge-up".
The convection zone deepens as the star follows the Red Giant Branch (RGB) (4-5),
transporting material from the interior of the star to the surface. At the top of the RGB
the central temperature and density become su cient to ignite the triple-alpha process.
In low-mass stars, the electron-degenerate core ignites helium burning accompanied
by a helium ash (5). The star then moves onto the Horizontal Branch (HB) (6),
burning helium in its core and hydrogen in a surrounding shell. Once central helium
is exhausted, a helium-burning shell forms around a carbon-oxygen core, marking the
begin of the Asymptotic Giant Branch (AGB) (7-8). The AGB is characterized by strong
stellar winds driven by the high radiation pressure in the envelope with mass-loss rates
reaching up to 10* M yr! [20]. Following a nal phase of mass loss, accompanied
by thermal pulses (8), the remaining envelope is ejected, leaving behind the compact
carbon-oxygen core as a WD. The expelled envelope, visible as a glowing shell around
the WD progenitor, is known as Planetary Nebula (PN) (8-9). It reveals the products
of the star's earlier nuclear burning, made visible through uorescence [20].

WDs have no internal nuclear energy source. Their carbon-oxygen cores are supported
against gravity by the pressure of degenerate electrons. The maximum mass of a
WD is determined by the Chandrasekhar limit M¢c, 1:44M [25]. Above this limit,
degeneracy pressure can no longer balance the self-gravity. The WD cools by radiating
away its remaining thermal energy, essentially behaving like a hot piece of metal.

The evolution of massive stars has rather di erent characteristics. Since the central
pressure is insu cient to produce a degenerate core, helium burning is ignited without

a helium ash. Mass loss, in contrast, plays a far more important role for massive
stars and remains one of the largest sources of uncertainty in describing their evolution
[26][27][28]. Massive stars move along lines of constant luminosities across the HR
diagram. Unlike lower-mass stars, nuclear fusion in massive stars continues beyond
helium burning, proceeding with carbon and oxygen burning and the fusion of heavier
elements. Each burning stage leaves behind a corresponding shell, giving the star an
onion-like structure by the end of its life. Fusion nally halts when an iron core has
formed, which then collapses (10), triggering a supernova explosion (11).

The high mass loss during the MS phase leaves massive stars with envelopes that consist
mainly of helium. Such stars that additionally have very high luminosities and unusually
strong emission lines are classi ed as Wolf-Rayet (WR) stars. These stars are extremely
hot (Te 25000K 100000K [20]) and lose mass at high rates (0 M =yr [20]).
WR stars typically begin their lives with masses above 3WM , shrinking to masses
between 5M and 10M over the course of their evolution [19].



Fig. 2.1: Schematic HR diagram of the evolution of a 1M ;5M and 25M star. Thick
segments denote long, nuclear-burning evolutionary phases. 1-2: Main Sequence (MS), 2:
turn-o, 2-3: H shell-burning, 4-5: Red Giant Branch (RGB), 6: Horizontal Branch (HB), 7-8:
Asymptotic Giant Branch (AGB), 8-9: Planetary Nebula (PN). 10: core collapse, 11: supernova
type Il. Adapted from [19].

A further notable class of massive stars are Luminous Blue Variable (LBV) stars. They
are evolved post-main sequence stars and distinguish themselves by their variability, high
mass-loss rates, temperatures and luminosities (10°L  [20]). These characteristics
place them in the upper-left region of the HR diagram. LBV are so luminous that the
Eddington luminosity limit [29] becomes relevant. This is the luminosity at which a
star becomes unstable, since radiation pressure exceeds the star's self-gravity. Closely



related to that is the Humphreys{Davidson limit [30], which represents the region in
the upper-right of the HR diagram where stars become unstable because they approach
the Eddington limit and begin to lose mass at very high rates.

2.2.3 Supernovae & stellar remnants

Supernovae (SNe) are incredibly luminous explosions with a brightness comparable to
an entire galaxy. They are classi ed into Type | and Type Il based on the presence
or absence of hydrogen lines in their spectra. Types Ib, Ic and Il SNe are associated
with the core-collapse of massive, hydrogen-rich stars and are therefore not observed
in older stellar populations. Type la SNe result from the collapse of a WR star that
exceeds the Chandrasekhar mass limit. Since WR stars are present in both young and
old populations, SNe la are observed in all types of galaxies.

The remnant left behind after a core collapse SN is either a Neutron Star (NS) or a Black
Hole (BH), depending on the progenitor's mass. Neutron Stars consist of extremely
dense matter supported by neutron degeneracy pressure. The upper mass limit of such
objects is 2 3M [19]. Stars with masses 60M leave behind cores that exceed
this limit and collapse into BHs. The critical radius at which the escape velocity of an
object becomes the speed of light, c, is given by the Schwarzschild radius [31]

2GM M

such that any object compressed within this radius will form a BH.

2.3 Mass Loss from Stellar Winds

Mass loss is an important aspect of stellar evolution since it occurs in all evolutionary
stages [19]. Mass can be lost from a star either from a sudden ejection of a mass shell,
or a continuous ow, which is referred to as stellar wind. Mass-loss rates can vary over
a wide range depending on the evolution stage and physical mechanism, however, the
study of these mechanisms is not subject of this work (for a review see [28]).

In the standard model of stellar winds, winds are assumed to be stationary, homogeneous
and spherically symmetric. In this case, the mass-loss ratdd,inq , Which represents the
mass ux through a spherical shell of radiusr, follows from the equation of continuity
[28]:

Muing =41 2 (NV(r); (2.5)

where (r) is the density of the wind material and v(r) its velocity. Developing models
and empirical mass-loss prescriptions for di erent evolutionary phases is an active area
of research [32][26][27][33].

Massive stars are far more a ected by wind mass-loss than low- or intermediate-mass
stars. Their winds are driven by the radiation eld and therefore scale with luminosity
and e ective temperature. For example, a 15M star loses mass on the MS at a rate
of 1 2 10® M =yr [24], whereas a 40/ star typically loses mass at 10® M =yr
[24]. Stars on the lower MS experience mass-loss rates that are too small to signi cantly
a ect their stellar mass, although even low-mass stars can develop strong winds during
later evolution phases such as the AGB [19].
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2.4 Binary Systems

The majority of massive stars are found in binary systems [34][18]. Binary systems are
characterized by two stars (with massedvl; and M) orbiting their common center of
mass. In most binaries, the stars are separated far enough so that they do not in uence
each other's evolution. The stars then follow the evolutionary paths of single stars,
di ering only in the orbital dynamics of their point masses. Although stars in binary
systems are born together, their masses can di er. This means that the stars may end
up in di erent evolutionary stages at the same time. If the binary is close enough for
the stars to interact, this can cause a variety of phenomena.

The two stars move in elliptical orbits characterized by the semi-major axisa and
eccentricity e with their separation given by

all e?
1+ecos

d()= (2.6)
where is the angle between the distance vector and the major axis. Binaries that
are close enough to interact typically have circular orbits € = 0), which allows the
individual masses to be determined observationally [19]. The orbital angular velocity!

follows from Kepler's third law:

122 76('\/'16;"\/'2): (2.7)

2.4.1 Gravitational potential & classi cation

A test mass placed within a binary system experiences the e ective gravitational
potential
m + & }I 2r2

=G !
S1 So 2

: (2.8)
where G is the gravitational constant, r the distance of the test mass from the center of
mass, ands;, S; the distances of the test mass to each stars, respectively. The points
at which the test mass experiences no net force are known as the Lagranian points
illustrated in Fig. 2.2. Close to each star, the equipotential surfaces are nearly spherical,
but at larger distances they merge into a teardrop shape enclosing both stars. The
inner Lagranian point L1 and the teardrop-shaped regions it marks (so-called Roche
lobes) play an essential role in interacting binary systems.

Binaries are classi ed according to how the stars Il these equipotential surfaces (see
Fig. 2.3) [20][19]. Stars that have a separation that is much larger than their radii are
called detached binaries. In this case, the stars do not interact with each other and
evolve independently. Once one of the stars lIs its Roche lobe, material can escape
through the inner Lagranian point and can be accreted by the other star. This system
is called semi-detached binary. The star losing mass is called the secondary star, which
typically has the smaller massM,. The companion star that is accreting material from
the secondary star is called the primary star, usually having the greater mas$11. If
both stars expand beyond their Roche lobe, they will share a common envelope and the
system is referred to as a contact binary.



Fig. 2.2: Equipotential contours of a binary
system with stars of massesM; = 0:85M

and M, = 0:17M , and a separation ofa = Fig. 2.3: Classi cation of close binary
0:718R . The x denotes the center of mass systems [20].
[20].

2.4.2 The evolution of interacting binaries

The evolution of an interacting binary system results from the interplay between the
stellar evolution of its components and their interaction. It depends on the stars' initial
masses and their separation.

Semi-detached binaries lead to a range of mass transfer phenomena, which can be either
conservative or non-conservative. In conservative mass loss, the accreting star retains all
transferred mass, and both the total mass and orbital angular momentum of the binary
system are conserved. In non-conservative mass transfer, a fraction of the transferred
mass is lost from the binary entirely. Two di erent scenarios can occur: If the more
massive star lIs its Roche lobe rst, it loses mass to its companion until the mass ratio
reverses. If instead the less massive star lIs its Roche lobe rst, the result is typically

a stable accretion phase, which can result in eruptive phenomena such as Novae in
so-called Cataclysmic Variables [19]. The rate of mass transfe¥l; can be estimated as

M; = VA; (2.9)

where is the density of the stellar material, v its velocity, and A the area through
which it escapes. The star that loses mass is referred to as the donor, and the star that
gains mass is called accretor. In most cases, both stars rst evolve independently of
each other until one expands to Il its Roche lobe and begins transferring mass to its
companion. The binary may go through common-envelope phases, or even evolve into a
Double Compact Object (DCO) consisting of two Neutron Stars, Black Holes, or one of
each. Those might merge entirely, or become disrupted due to a SN event.



@ (b)

Fig. 2.4: (a) The Pleiades, a young ( 100Myr) open cluster in Taurus  130pc away.
Captured by the Schmidt telescope at the Palomar Observatory in California Credit: NASA,
ESA, and AURA/Caltech. (b) The core of Messier 3, a globular cluster (11 400Myr) at

10000pc. Constructed using Hubble observations in visible and infrared light. Credit: NASA,
ESA, STScl and A. Sarajedini (University of Florida).

2.5 Stellar Clusters

Stars often move together through the galaxy and are gravitationally bound to one
another [9]. Such \stellar over-densities" are referred to as stellar clusters. In many
galaxies, stellar clusters make up a large fraction of the total stellar population, some-
times containing tens or even hundreds of thousands of stars. Therefore, stellar clusters
have a signi cant impact on the surrounding interstellar medium and the evolution of
the galaxy [19][20]. Cluster members are assumed to have formed at approximately the
same time from a common gas cloud and therefore have an identical initial composition.
Neglecting the e ects of rotation, magnetic elds and binary interactions, their evolution
depends predominantly on their initial masses. Stars within a cluster experience stronger
gravitational attraction to each other than to non-members. Since the separations
between cluster members are small compared to their distance from an observer, all
member stars can be treated as having approximately the same distance.

2.5.1 Globular vs. open stellar clusters

Stellar clusters can be divided into two categories, globular clusters and open clusters.
Globular clusters are spherical, dense and very massive, typically containing 10° stars
[20]. Such clusters formed when the galaxy was still very young and therefore consist of
old stellar populations ( Gyr ). Globular clusters are found at high galactic altitudes,
orbiting the halo of the galaxy. Open clusters are signi cantly younger and less massive
and are mainly located in the galactic disc. They usually contain a few hundred stars.
The member stars of open clusters often seem to have a random arrangement, giving
the cluster an irregular shape. Open clusters trace the young population of stars and
thus have ages in the order of 100Myr [9]. Fig. 2.4 shows two examples of stellar
clusters: (a) the Pleiades, a young open cluster, and (b) Messier 3, a globular cluster.
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Distinguishing open and globular clusters in observations requires certain selection
criteria. Hunt & Re ert [35], for example, identify open clusters from Gaia data the
following way. A potential open cluster has to be a clear over-density of at least 10
stars of approximately the same age and chemical compaosition. In addition, the cluster
candidate has to be compact enough by having a median radius smaller than 1.
The stars have to move coherently together by having an internal velocity dispersion
below 5km=s. Hunt & Re ert [35] further distinguish between bound and unbound
open clusters. Bound clusters have a self-gravity that can keep the members con ned,
while unbound clusters have a common age and motion but are not gravitationally
bound.

2.5.2 HR diagrams of stellar clusters

The HR diagram of a stellar cluster gives insights into a range of cluster properties
[20]. For instance, if the cluster's distance is known, the distance modulus can be
determined via main-sequence tting, in which the cluster's observed MS in apparent
magnitude is matched to a calibrated MS in absolute magnitude. Cluster HR diagrams
often display the colour index (B V ) instead of the e ective temperature, since it is
easier to measure. The resulting diagram is referred to as colour-magnitude diagram,
as shown in Fig. 2.5.

The curve that results from plotting the position of every member star at the cluster's
current age is called isochrone. The number of stars at each position on the isochrone
depends on the number of stars in each mass range and the rate at which stars evolve
through each phase. Since more massive stars evolve faster, they reach and leave the
MS sooner than less massive stars. The point at which stars are currently leaving the
MS (turn-o point) therefore marks the most massive stars that still remain on the MS.

In a young cluster, where only the most massive stars have evolved past the MS, the
turn-o point lies higher on the MS. As the cluster ages, this point shifts to a lower
position in the diagram. This provides a way to estimate the age of stellar clusters.

A characteristic feature of the colour-magnitude diagram of young clusters is the so-
called Hertzsprung Gap (HG). It describes the absence of stars between the end of the
MS and the RGB, indicating that stars evolve through this phase very rapidly. The HG
appears only in young clusters, since stars in old stellar clusters evolve more gradually
towards the giant branch [20].

2.5.3 Initial Mass Function & binary fraction

The collapse of an interstellar cloud produces stars across a wide range of masses. The
number distribution of stellar masses at their formation is described by the stellar initial
mass function (M) (IMF). The classical formulation of Salpeter [36] treats the IMF as
an invariant probability density function such that the number of stars dN formed in a
mass interval (M; M +dM) is

dN = (M)dM : (2.10)

The Salpeter IMF follows as a single power-law

MY/ M %35 (2.11)
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Fig. 2.5: Schematic colour-magnitude diagram for a set of Galactic clusters. Left-hand vertical
axis: absolute visual magnitudeMy , right-hand vertical axis: age of the cluster based on the
turn-o point. Horizontal axis: colour-index BV [20].

The IMF implies that the number of formed stars decreases with increasing mass, i.e.
low-mass stars are far more abundant in stellar clusters than high-mass stars. Despite
their scarcity, they have an important in uence on cluster evolution. They are far more
luminous, have stronger stellar winds and serve as progenitors of SNe. Massive stars
therefore shape the evolution of stellar populations in a far more signi cant way than
what their number alone would suggest [20].

While the Salpeter IMF is a good description for intermediate- and high-mass stars,
it has an uncertainty at the low-mass end. Also, observations suggest that the IMF
depends on environmental factors such as the local conditions of the star forming region
[23]. Weidner & Kroupa [37] introduced a multiple-part power law IMF, based on
observations of nearby stellar populations. Their model keeps the slope from Salpeter
[36] for intermediate- and high-mass stars, but has modi ed exponents below 1 M:

8 _ 0:30

Mf('\)/'s ; 0:01 M=M  0:08;

008 , 0:08 M=M 0:50;
M) =k 05'0 130 oy 290

008 050 X 0:50 M=M 1:00;

0:50 1:30 1:00 2:30 M=M 2:35

— — ; 1:00 M=M M max:

0:08 0:50 1:00

(2.12)
Here k denotes the normalization factor andM is given in solar masses. A comparison
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